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ABSTRACT

We calculate the thermal-chemical structure of the gaseous atmospheres of the inner disks of T Tauri stars,
starting from the density and dust temperature distributions derived by D’Alessio and coworkers in 1999. As a
result of processes such as X-ray irradiation or mechanical heating of the surface layers, the gas temperature at the
very top of the disk atmosphere in the neighborhood of 1 AU is of the order of 5000 K. Deep down, it drops rapidly
into the range of the dust temperature, i.e., several hundred degrees kelvin. In between these upper hot and lower
cool layers, there is a transition zone with gas temperatures in the range 500–2000 K. The thickness and location
of this warm region depend on the strength of the surface heating. This region also manifests the basic chemical
transitions of H to H2 and C+ and C to CO. It is remarkable that even though the H2 transition begins first (higher
up), it does not go to completion until after CO does. Consequently, there is a reasonably thick layer of warm CO
that is predominantly atomic H. This thermal-chemical structure is favorable to the excitation of the fundamental
and overtone bands of CO because of the large rate coefficients for vibrational excitation in H+CO as opposed to
H2+CO collisions. This conclusion is supported by the recent observations of the fundamental band transitions in
most T Tauri stars. We also argue that layered atmospheres of inner T Tauri disks may play an important role in
understanding the observations of H2 UV fluorescence pumped from excited vibrational levels of that molecule.
Possible candidates for surface heating include the interaction of a wind with the upper layers of the disk and
dissipation of hydromagnetic waves generated by mechanical disturbances close to the midplane, e.g., by the
Balbus-Hawley instability. Detailed modeling of the observations has the potential to reveal the nature of the
mechanical surface heating that we model phenomenologically in these calculations and to help explain the nature
of the gas in protoplanetary disks.

Subject headingg: planetary systems: protoplanetary disks

1. INTRODUCTION

Disks surrounding solar mass stars at ages less than a few
million years appear to be young analogs of our solar system
and thus systems in which the formation of planetary systems
may be underway. They are therefore useful laboratories in
which to study the processes involved in the formation of stars
and planets. Observations of disks may provide insight into
the processes responsible for angular momentum transport in
disks. They may also probe the timescales for grain growth and
gas dissipation, measurements needed to explore the likelihood
of planetary systems like our own. The inner regions of disks
(P10 AU) are of particular interest in this regard. Both ter-
restrial and giant planets are believed to form in this region. In
addition, the large number of extrasolar giant planets that are
found at small orbital radii, within a few AU of their central
stars, suggests that giant planets migrate frequently through the
inner disk (e.g., Bodenheimer & Lin 2002).

Since the angular scale subtended by the inner disk at the
distance of the nearest nearby star-forming region is currently
beyond our ability to spatially resolve, it is particularly im-
portant to develop gas-phase diagnostics of this region. With
velocity-resolved observations of these diagnostics, disk radii
can be separated in velocity in order to recover the structure of
the disk. Gas-phase diagnostics are also valuable because they

can measure gas column densities and masses, gas temper-
atures, and the chemical abundance structure of the gaseous
disk. Observational constraints on these quantities may provide
new insights into the physical processes that govern planet
formation. For example, the measurement of gas masses in the
inner disk may constrain the gas dissipation timescale, and
thereby the time available for giant planet formation. Studies of
the gaseous component in disks are also relevant to the pos-
sibility of forming solar systems like our own. For example,
residual gas in the terrestrial planet region of the disk may play
an important role in determining the ultimate mass and ec-
centricity of a terrestrial planet and its consequent habitability
(e.g., Kominami & Ida 2002).
Although primordial (unevolved) planet-forming disks are

expected to be very optically thick (e.g., at 1 AU the column
density of the minimum-mass solar nebula is �1500 g cm�2),
emission lines are nevertheless expected from disks in several
situations. Since disks are externally irradiated (e.g., by the
central star), the gaseous component of disks may be detectable
through emission lines produced in temperature inversion re-
gions of the disk atmosphere, i.e., in disk ‘‘chromospheres.’’
Line emission may also arise from regions of low continuum
opacity produced, e.g., through grain growth and planetesimal
formation. Line emission also may arise from regions of in-
trinsically low column density that are produced through disk
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dissipation (e.g., the accretion of the disk onto the star). Low
column density regions may also result from the presence of
stellar or planetary companions, which can sculpt the disk and
reduce the disk column density in the vicinity of the com-
panion’s orbit.

Indeed, there now exist multiple gas-phase probes of the
inner disk region. These include the fundamental and overtone
transitions of CO (e.g., Najita et al. 2003; Carr et al. 1993),
infrared rovibrational transitions of water (Carr et al. 2004),
and UV transitions of H2 (e.g., Herczeg et al. 2002). These
diagnostics have been used to illustrate the differential rotation
of disks (e.g., Carr et al. 2004; Najita et al. 2000; see also
Hartmann & Kenyon 1987a, 1987b in the context of FU
Orionis stars), the existence of suprathermal line broadening
possibly produced by turbulence in disks (Carr et al. 2004;
Najita et al. 1996), the existence of residual gas in disk gaps
(Carr et al. 2001), significant departures from chemical equi-
librium in the relative abundance of water and CO in the inner
disk (Carr et al. 2004), and the presence of surprisingly warm
gas (�1000 K) in the terrestrial planet regions of disks (Najita
et al. 2003; Herczeg et al. 2002).

The interpretation of these diagnostics requires models of
gaseous disk atmospheres in the inner disk region. For exam-
ple, the conversion of measured column densities of a given
species (e.g., CO or H2) to total mass column density requires
a model of the thermal, chemical, and excitation structure of
the atmosphere. Including the chemistry of the atmosphere is
important for determining the temperature because atoms and
molecules, as emitters (or absorbers) of line radiation, cool (or
heat) the gas. Atoms and molecules also provide diagnostic
lines that can be used to determine the physical properties of
the gas. For example, measurements of relative abundances,
intrinsic line widths, and the strengths of individual emission
lines can be analyzed using models of gaseous atmospheres to
diagnose the vertical thermal, chemical, and turbulent structure
of the atmosphere. The deduced structure may, in turn, reveal
the heating and related dynamical processes that operate in the
atmosphere.

Recent studies have begun to investigate the role of Ly�
photons in the surface excitation of the inner disk (Herczeg
et al. 2002, 2004), as well as in the chemistry of the outer disk
(Bergin et al. 2003). However, most studies of the thermal
structure of disk atmospheres to date have focused on the prop-
erties of the dust component of the atmosphere (e.g., Chiang &
Goldreich 1997; D’Alessio et al. 1998, 1999, 2001; Calvet
et al. 1991; Dullemond et al. 2002). In these models, the dust
temperature is determined by the absorption of stellar photons
and the reemission of the absorbed energy. The models of
D’Alessio et al. (1998, 1999, 2001) formally include the gas-
eous component of the atmosphere as a opacity source, but
because the dust dominates the opacity for both absorption and
emission and the gas and dust are assumed to be thermally
coupled, the calculation is strongly weighted toward the dust
component. Indeed, the thermal structure produced by these
calculations provides a good description of the dust spectral
energy distributions of T Tauri stars.

The assumption that the gas and dust components have the
same temperature is common in the literature, but clearly, as
pointed out by Chiang & Goldreich (1997), this must break
down at some height in the atmosphere where the density is too
low to ensure good thermal coupling. The density at which the
dust becomes decoupled from the gas can be estimated by
comparing the collisional timescale, �g ¼ 1=nHv̄�a

2 (where a is
the radius of a dust grain and v̄ is the mean speed of a gas atom

or molecule), with other thermal timescales. For example, the
time for a dust particle of radius a and temperature Td (a) to
radiate, kTd=4�a

2�SBT
4
d , is shorter than the collisional time-

scale unless the gas density is larger than a critical density (see
also Chiang & Goldreich 1997),

ncr ¼
4�SBT

3
d

k v̄
¼ 1:133 ;108 cm�3
� � T 3

d

T
1=2
g

; ð1Þ

assuming that the gas is molecular hydrogen. Consequently,
in a warm disk atmosphere at radial distances �1 AU, ncr �
1013 1014 cm�3, and the dust is uncoupled from the gas above
several midplane scale heights. Determining the region in which
the gas becomes decoupled from the dust (i.e., where gas-dust
collisions do not play a significant role in determining the gas
temperature) is more difficult to estimate and is one of the
goals of this paper.

When the thermal coupling of the gas to the dust is weak-
ened, e.g., as a consequence of the low density in the upper
atmosphere, the gas temperature is no longer strictly regulated
by the dust. The gas may be at a higher or lower temperature
than the dust, depending on the strength of the heating and
cooling processes. We have previously commented that stellar
X-rays may be significant in heating gaseous disk atmospheres
because young stars are known to be strong X-ray emitters
(e.g., Feigelson &Montmerle 1999). In a preliminary study, we
found that X-ray heating can induce an inversion in the gas
temperature distribution over a column density comparable
to that in which the dust experiences a temperature inversion
(Glassgold & Najita 2001). The gas temperature (�1000 K)
may actually exceed the dust temperature (P400 K at 1 AU;
D’Alessio et al. 1999, 2001) in the region of the inversion. This
preliminary work showed that the dust and gas at moderately
high altitudes behave as two separate but weakly coupled ther-
modynamic systems. In addition to the weak collisional in-
teraction discussed above, the dust and gas differ markedly in
their radiative properties. Unlike the dust, the gas absorbs very
little of the stellar optical-infrared radiation. It has to depend
on the relatively small fraction of the star’s luminosity that
emerges at X-ray wavelengths, LX=L �10�4 to 10�3, for any
stellar heating. Similarly, line cooling by atoms and molecules
is weaker than the continuum radiation emitted by the dust.
The much smaller wavelength region over which the gas is
radiatively heated and cooled, compared to the dust, suggests
that gas-grain collisions play a much larger role in determining
the gas temperature than they do for the dust temperature.

Thus, calculating the gas temperature in the atmosphere of
the inner disk requires a reasonably complete treatment of
heating and cooling processes. In this paper we expand on
Glassgold & Najita (2001) and carry out a more detailed, but
still approximate, study of the thermal and chemical structure
of the gaseous atmosphere. In addition to X-ray heating of the
gas, we include the effects of accretion-related heating pro-
cesses in the atmosphere. We also consider how grain growth
affects the thermal coupling of the gas and dust.

Grain growth and settling both act to diminish the coupling
between the gas and dust through reductions in the mean grain
cross section per unit grain mass and in the dust-to-gas ratio.
Indeed, grain growth appears to be a significant effect in the
outer regions of T Tauri disks, as suggested by the models
of D’Alessio et al. (1998, 1999, 2001; see also Miyake &
Nakagawa 1993; Wood et al. 2001). For example, D’Alessio
et al. (1999) argue that, if T Tauri disks are filled with small
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grains like those in the interstellar medium (ISM), the resulting
disk scale height is too large to be consistent with several ob-
servational constraints. As a result of their dramatic flaring,
disks with ISM grains would extinct too much of the stellar
light; they would also produce an excess of flux in the 25–
100 �m region. Furthermore, when viewed in scattered light,
disks would also appear to be more extended than observed.

D’Alessio et al. (2001) have interpreted these difficulties as
evidence for grain growth. With a grain size distribution that
extends to larger grains (�1 mm), there is less projected grain
surface area and, as a result, the opacity to stellar photons is
reduced. Stellar photons therefore penetrate further and pro-
duce a temperature inversion deeper down in the atmosphere.
In addition, larger grains emit more efficiently at the long
wavelengths at which the absorbed radiation is reemitted. As a
result of both of these considerations, the disk atmosphere has
a correspondingly smaller scale height, in better agreement
with observations. Since grain growth is thought to occur as a
consequence of grain settling (Weidenschilling 1997), it seems
reasonable to assume that grain settling has also occurred in
T Tauri disks.

Although the grain growth and settling deduced from disk
spectral energy distributions apply more directly to the outer
disk, simple estimates suggest that grain settling is even more
rapid at smaller radial distances. For example, the settling
speed of a grain of radius a and internal density �̃ at a height z
above the disk midplane is vz ’ �2�̃az=�gc, where � is the disk
angular rotation speed, �g is the gas density, and c is the sound
speed (Goldreich &Ward 1973). For a disk surrounding a 1M�
star that has a constant temperature of 400 K at 1 AU, a total
vertical column density of 1500 g cm�2 (as in the minimum-
mass solar nebula), and is filled with grains with an inter-
nal density �̃ ¼ 1 g cm�3, the time for grains to settle from
the upper disk atmosphere down to a height z=H ¼ 2:0 is
�3000 yr for 1 �m grains and �30,000 yr for 0.1 �m grains.
In settling, the grain travels through a column density of
�1024 cm�2 or �2 g cm�2. Therefore, on a timescale much
shorter than the age of T Tauri stars, even micron-sized grains
may become depleted from the upper disk atmosphere if there
is no mixing of the settling grains back into the upper atmo-
sphere. Turbulence in the midplane, induced as part of the
accretion process, is one possible mixing process. However,
simulations of grain growth and settling in a turbulent disk
(Weidenschilling & Cuzzi 1993) also find that grains settle
rapidly out of the upper atmosphere, with a reduction in grain
abundance of >103 on timescales of 104 yr. If grains are con-
sequently depleted from the upper disk atmosphere as a result
of settling, the lower grain abundance will reduce the efficiency
of gas-grain collisions in heating or cooling the gas, with a
consequent effect on the disk atmospheric structure. It will also
reduce the contribution of grain surface reactions to molecule
formation.

We consider both of these effects in the calculations pre-
sented here. We assume a reduced mean grain cross section in
order to explore the effect of grain growth on the thermal struc-
ture of the gaseous atmosphere, and molecule formation on
grains is not included in the chemical network. The lower gas-
grain collision rate that results from the reduced grain cross
section can also result from grain settling, although this effect,
a reduction in the total mass of grains at a given vertical height,
is not included explicitly in the calculation. We also explore the
effect of accretion-related processes (e.g., possible viscous
accretion in the disk atmosphere and energy dissipation in a
wind-disk mixing layer) on the thermal-chemical structure of

the gaseous disk atmosphere. We specifically focus on the re-
gion of the disk at 1 AU in order to address the disk spectro-
scopic results described above.
Since our goal at this stage is to illustrate the general char-

acter of the gaseous atmosphere of the inner disk rather than to
make detailed predictions, we have taken the liberty of greatly
simplifying the calculation. We assume that the density struc-
ture and dust temperature structure of the atmosphere are as
given in the T Tauri disk model of D’Alessio et al. (1999), and
we calculate the gas temperature and chemical structure that
would exist under those conditions. A serious limitation of our
calculation is that the gas temperature and density structure are
not calculated self-consistently. A more complete calculation
would begin with a two-fluid model for the gas and dust, with
the gas in hydrostatic equilibrium and the dust suspended to the
extent allowed by grain growth and settling. We discuss the
impact of this limitation in x 6.
In x 2 we discuss the heating and cooling processes that affect

the thermal structure of the gaseous atmosphere. Many of the
technical details are contained in a series of appendices. A
description of the chemistry that takes place within this thermal
structure is presented in x 3. The resulting thermal-chemical
structure of the atmosphere is discussed in x 4. In x 5 we discuss
these results in the context of recent observations of gas-phase
diagnostics of inner disks. Finally, in x 6 we summarize our
results and discuss possible future directions for these studies.

2. THERMAL STRUCTURE OF THE ATMOSPHERE

In studying the thermal structure of gaseous disk atmo-
spheres, as is often the case in other astrophysical contexts,
identifying the gas-heating agents is more difficult than iden-
tifying the cooling agents. We consider several viable heating
processes: dust-gas collisions, X-rays, accretion viscosity, and
the interaction of the wind with the disk. Dust-gas collisional
heating (or cooling) in the ISM is well known (e.g., Spitzer
1949; Goldreich & Kwan 1974; Hollenbach & McKee 1979;
Takahashi et al. 1983), and here we add an explicit treatment of
its dependence on the size distribution of the dust grains. Our
consideration of X-ray heating is a natural extension of pre-
vious work on X-ray ionization of disks (Glassgold et al. 1997,
hereafter G97; Igea & Glassgold 1999, hereafter IG99). The
potentials of both accretion and wind-disk heating were sug-
gested even earlier by our collaborators and us in connection
with the gas temperature inversion observed in Herbig Ae/Be
stars (Carr et al. 1993; Najita et al. 1996) but not investigated in
any detail.

2.1. Dust-Gas Heatinggand Coolingg

Dust warmed by radiation from the central star can heat
the gas by collisions if the dust is hotter than the gas, a situa-
tion often encountered for interstellar clouds. Because of weak
gas cooling in disks, we are more concerned with the situa-
tion where the gas is hotter than the dust and the collisions cool
the gas. Since the drift velocity is much smaller than the
sound speed, we can adapt the standard interstellar formula in
Hollenbach & McKee (1979) to obtain the cooling rate per unit
volume by spherical grains in a mixture of atomic and molec-
ular hydrogen,

�dg ¼ AHnd(a)nHv̄ (H)2k Tg� Td (a)
� �

�a2; ð2Þ

where nd (a) is the volume density of the grains of radius a with
mean temperature Td (a), nH is the volume density of hydrogen
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nuclei, and v̄ (H) is the mean speed of a hydrogen atom. The
mean accommodation coefficient AH can be obtained from the
estimates of Burke & Hollenbach (1983) for atomic and mo-
lecular hydrogen,

AH ¼ x(H)A(H)þ 1ffiffiffi
2

p x H2ð ÞA H2ð Þ; ð3Þ

whereA(H) andA(H2) are the accommodation coefficients for
atomic and molecular hydrogen, respectively, and the 1=

ffiffiffi
2

p

factor corrects for the mean speed of H2. The abundances of
atomic and molecular hydrogen, as well as all other abun-
dances in this paper, are normalized to the total density of
hydrogen nuclei nH, i.e., x(H) ¼ n(H)=nH, x(H2) ¼ n(H2)=nH,
and x(H)þ 2x(H2) ¼ 1. Equation (2) ignores He collisions and
the correction 2kTg ! 2kTg þ Eint for the internal excitation
energy Eint of H2. The mean temperature of a grain of radius a
is obtained by balancing absorption and emission, assuming
that the absorption occurs at high frequency, where the ab-
sorption coefficient Q� ’ 1, and that the emission occurs at low
frequencies, where Q� / � �. In this case,

Td(a) / a�b; b ¼ �

4þ �
; ð4Þ

and Td (a) varies as a small inverse power, b ¼ 1
5

1
3
, when the

index of the absorption coefficient � ’ 1 2.
In Appendix Awe average equation (2) over the MRN dust-

size distribution (Mathis et al. 1977), nd(a) ¼ Cpa
�p (a1 <

a < a2). We find that, for p ¼ 3:5,

�dg ¼
�d

(4�=3)�̃a3g
nHv̄ (H)2AHk Tg� T̄d

� �
�a2

g; ð5Þ

where �d is the volumetric mass density of dust in the disk, �̃
is the internal density of a dust grain, assumed to be indepen-
dent of size, ag ¼ (a1a2)

1=2, and T̄d is the grain area-weighted
average of Td (a). As shown in Appendix A, T̄d differs from the
simple unweighted average by a factor B (defined in eq. [A7])
that is somewhat smaller than unity for grain distributions with
a2=a131 and slightly greater than unity for a2 comparable
with a1. This factor arises because the second term of equa-
tion (2) leads to the (2� b)-moment of the MRN distribution
and emphasizes slightly smaller (and warmer) grains than the
first. In this paper we assume that the area-weighted average
dust temperature T̄d (as well as the hydrogen gas density nH) is
the same as the temperature calculated by D’Alessio et al.
(1999). The most important consequence of averaging over
grain size is that the cooling rate equation (5) is inversely pro-
portional to the geometric mean of the minimum and maxi-
mum grain sizes.

A numerical version of equation (5) is

�dg ¼ 2:38 ; 10�33 ergs cm3 s�1 K�3=2
� � �d

�g

� 	
0:01

;
0:05 �m

ag

� 	
AH

0:5

� 	
T1=2
g Tg � T̄d
� �

n2H; ð6Þ

where the dust-to-gas ratio is ratioed to 0.01 and the accom-
modation coefficient to 0.5. The MRN grain size distribution
has a1 ¼ 0:005 �m and a2 ¼ 0:25 �m, or ag ¼ 0:035 �m. How-
ever, there is good evidence for grain evolution in both dense
regions of the ISM (e.g., Kim et al. 1994) and T Tauri disks

(D’Alessio et al. 2001; Wood et al. 2001; Wolf et al. 2003;
McCabe et al. 2003). Adopting the parameters used by Wood
et al. (2001), which correspond to a1 ¼ 0:01 �m, a2 ¼ 50 �m,
and ag ¼ 0:707 �m, leads to an increase in the geometric mean
grain size by a factor of about 20, with a corresponding de-
crease in dust-gas cooling. If we were to use the grain model
in D’Alessio et al. (2001), which produces a good fit to the
millimeter-wave portion of T Tauri spectral energy distribu-
tions, then ag ¼ 7:07 �m, and dust-gas cooling would be re-
duced by another order of magnitude. Inclusion of the effects
of dust settling, in addition to grain growth, would further
reduce our numerical estimate of this rate (through the pro-
portionality to the dust-to-gas ratio), whereas any form of
preferential gas loss would have the opposite effect.

2.2. X-Ray Heatingg

X-rays incident on the disk produce fast electrons that heat
the gas, as discussed by G97 for T Tauri disks and by Shang
et al. (2002) for T Tauri winds. The heating rate is given by

�X ¼ 	X�
hnH; ð7Þ

where 	X is the total ionization rate and �
h is the heating rate
per ionization. We follow Shang et al. (2002) in adapting the
treatment of the heating rate by Shull & van Steenberg (1985)
but extend it to H2 regions using the more general results of
Dalgarno et al. (1999). Shang et al. (2002) found that, in
addition to the usual direct X-ray heating energy �
h1 (in the
range 5–15 eV), there is an indirect heating energy �
h2 that
arises from the increase in the population of electronically
excited states produced by X-rays and leads to gas heating
by collisional de-excitation. The indirect heating energy for
atomic H is 23 eV, and we expect the same order of magnitude
for H2. Thus, we express the total X-ray heating as

�
h ¼ �
h1þ�
h2; ð8Þ

with �
h1 �10 eV and �
h2 � 20 eV.
In order to calculate the total ionization rate, we need the

individual rates for ionizing H, He, and H2, which are also
essential for the chemistry. The production rate for ion X+ at a
radial distance r from the star is approximately given by

	 Xþð Þ ¼ 1

4�r2

Z 1

E0

dE L(E )e�NH�(E) 1

W Xþð Þ ; ð9Þ

where L(E) is the spectral distribution of the X-ray luminosity
and W (Xþ) is the mean energy to make an ion X+; 	(X+) is
defined so that the ionization rate per unit volume is 	(X+)nH.
The exponential factor gives the attenuation along the line of
sight to the location r, and NH is the hydrogen column density
along this line of sight. The X-rays generally penetrate the disk
at fairly small angles, so that the disk is not irradiated directly
from above but at low inclination.1 The X-ray absorption cross
section � is taken from Morrison & McCammon (1983). For
E30:1 keV, we may approximate Ael and the W(X+) by
constants and use W (Hþ) � 40 eV, W (Hþ

2 ) � 40 eV, and
W (Heþ) � 475 eV for the mean energies to produce H+, Hþ

2 ,

1 The line-of-sight column density NH in eq. (9) is much larger than the
vertical column density N? introduced in eq. (19) of x 3. The latter quantity is
provided as a useful alternative z-coordinate.
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and He+ ions (Dalgarno et al. 1999).2 The result is that the
ionization rates for these ions are

	 Hþð Þ ¼ 	0x(H); 	 Hþ
2

� �
¼ 	02x H2ð Þ;

	 Heþð Þ ¼ 0:082	0 � 	0x(He); ð10Þ

where 	0 is the rate at which H+ ions are produced per hy-
drogen atom using W (Hþ) ¼ 40 eV. Defining 	X so that 	XnH
is the X-ray ionization rate per unit volume in an H, H2, He
mixture, the sum of the terms in equation (10) leads to 	X ¼
1:084	0 or, if we ignore the difference between 0.082 and
xHe ¼ 0:1,

	X ’ 1þ xHeð Þ	0: ð11Þ

Following previous work (G97; IG99), we use a thermal
X-ray spectral distribution with LX ¼ 2 ;1030 ergs s�1, kTX ¼
1 keV, and a low-energy cutoff E0 ¼ 0:1 keV. Our choice of LX
is suggested by the average YSO X-ray luminosity found with
Chandra for stellar masses in the 0.8–1.2 M� range for the
Orion Nebula Cloud (Garmire et al. 2000). A slightly smaller
LX has been obtained for YSOs older than 1 Myr, but in a
broader range of stellar masses, 0.7–1.4 M� (Feigelson et al.
2002). This choice also applies to TW Hydrae, the nearest
classical T Tauri star (Kastner & Weintraub 2002). With the
adopted YSO X-ray parameters, the ionization rate at the top
of the disk atmosphere at a radial distance of 1 AU is 	X ’
6 ;10�9 s�1.

2.3. Accretion Heatingg

Viscous accretion, driven, for example, by the widely favored
Balbus-Hawley magnetorotational instability (MRI; Stone et al.
2000), may also result in the heating of disk surface layers.
This can occur if the surface layers are the only regions of the
disk sufficiently ionized to participate in the MRI at small radii
(Gammie 1996; G97; Fromang et al. 2002). Alternatively, ac-
cretion in the disk midplane may generate waves that propagate
into the disk atmosphere, steepen into shocks, and dissipate
energy there (Miller & Stone 2000). We are led to approximate
these effects by adapting the standard dissipation rate for a thin
disk (Pringle 1981),

�acc ¼ 9
4
�h�c

2�; ð12Þ

where � is the local mass density, c is the isothermal sound
speed, and � is the angular rotation speed. We regard �h as a
phenomenological parameter that specifies the magnitude of
the heating rate. D’Alessio et al. (1998, 1999, 2001) use this
formula in calculating the vertical thermal structure of flared
disks but with �h ¼ � , the standard � -disk parameter that
relates viscous heating to an accretion rate.

In applying the phenomenological formula, equation (12), to
surface layers, we need to ask what would be an appropriate
value for �h for these regions. D’Alessio et al. (1998, 1999,
2001) have usually chosen � ¼ 0:01 on the basis of the con-
nection between � and the disk accretion rate: ṀD / ��D,
where �D is the integrated disk surface density. According to
� -disk theory, this familiar relation applies to the bulk of the
accreted material that is located close to the midplane. In the

present application, we apply equation (12) to a thin surface
region that amounts to less than 1% of the total surface density
of the disk. We would argue that �h varies with position in a
truly three-dimensional disk, depending on the details of the
accretional dissipation process. For example, �h may be larger
in surface regions if they carry a significant fraction of the
mass flux, as implied by MRI layered accretion.3 Other heating
processes may provide enhanced surface heating, e.g., mag-
netic reconnection and gravitational instabilities operate pri-
marily near the midplane but can transmit energy to the surface
by waves. The prescription in equation (12) might also repre-
sent the energy dissipation that occurs where the wind interacts
with the surface of the disk, a process discussed in the next
section. Basically, however, in the absence of a fundamental
theory, we adopt the view that the �h in our ‘‘accretion heating’’
formula should be determined by observations that are sensitive
to the thermal properties of disk surface layers. In x 4 we arrive
at some preliminary conclusions based on this approach.
Equation (12) can be put into a useful form for numerical

evaluation,

�acc ¼ �accnH; �acc �
9

4
1:425�hmHc

2�; ð13Þ

using 1.425mH as the mass per H nucleus. Since mc 2 ¼ kTg ,
we evaluate �acc as

�acc ¼ 8:82 ; 10�23 ergs s�1 K�1
� � mH

m

� �
�hTg

AU

$

� 	3=2
; ð14Þ

where $ is the radial cylindrical coordinate.

2.4. Wind-Disk Heatingg

Winds generated close to the star, perhaps near the inner
edge of the disk, as in an X-wind, will blow over the disk and
produce a turbulent mixing layer that results in heating of disk
surface layers (called an ‘‘aeolosphere’’ by Carr et al. 1993).
Although this layer has been discussed before in the context of
disk dissipation by Elmegreen (1978) and more recently by
Hollenbach et al. (2000), its thermal properties have not been
studied. In Appendix B we develop an approximate treatment
of this effect based on Elmegreen’s ideas in order to estimate
the heating rate. The expression obtained there is again pa-
rameterized by an unknown efficiency factor that expresses the
incomplete nature of theories of wind-disk mixing layers. At
the likely efficiency of wind-disk heating, we find that it may
be competitive with the viscous accretion heating discussed in
the previous subsection. We also find that wind heating and
accretion heating have other similarities. Both rates are pro-
portional to the overall accretion rate and have the same de-
pendence on the radial coordinate.
One issue that we cannot address without a more funda-

mental treatment of the mixing layer is how wind-disk heating
depends on the vertical variation of the gas density. Our main
conclusion is that it is a viable candidate for the heating of the
upper layers of disks, but because of the similarities just noted,
it may be hard to disentangle from accretion heating until a
better theory becomes available. At this juncture, we adopt the
view that equation (12) is a general surface heating formula

2 The energy to make an He+ ion in a cosmic gas is an order of magnitude
larger than to make H+ or Hþ

2 because the He abundance is 0.1 that of hydrogen
and because the electronic ionization cross section of He is somewhat smaller
than that of atomic H.

3 To anticipate the results presented below, a suitable choice for the surface
regions may be �h �1. Since they constitute a very small fraction of the surface
density, accretion through these regions should not affect much the total ac-
cretion rate onto the star or the associated UV excess.
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with a phenomenological coefficient �h , whose origin may be
viscous accretion, wind-disk interaction, or some other appro-
priate dissipative process.

2.5. Line Coolingg

In the previous subsections we discussed several impor-
tant heating and cooling processes for inner disk protoplane-
tary atmospheres, and now we consider line cooling. Since Tg
ranges from �100 to �5000 K, the potential coolants range
over almost the entire gamut of species familiar from the ISM.
However, only a few of them will actually be effective in this
problem. The mechanisms that produce more than 1% of the
total heating and cooling rates are:

Heating:
X-rays
Accretion
Wind-disk mixing layer.

Cooling:
Dust-gas collisions
Ly�
Recombination lines
O i forbidden lines
O i fine-structure lines
CO rotational lines
CO rovibrational lines.

Appendix C describes how the line cooling rates are calculated.

3. CHEMISTRY

Disk surface chemistry is determined by the local gas den-
sity and temperature and by the intensity of the ionizing and
dissociating radiation. The most important source of ioniza-
tion for the inner disk is the X-rays emitted by the YSO (G97;
IG99). X-ray–generated secondary electrons also dissociate
molecules. Galactic cosmic rays are less important because
they are largely excluded from the inner disk by the magne-
tized wind from the star-disk system (G97). Stellar and inter-
stellar UV radiation are also more strongly attenuated in the inner
disk than the X-rays owing to dust and self-shielding. However,
both cosmic rays and UV radiation field can play important roles
in the outer disk (Aikawa&Herbst 1999;Willacy&Langer 2000;
Kamp et al. 2003; Bergin et al. 2003).

Because the chemistry is just one part of the broader thermal-
chemical calculation, we do not have the luxury of working
with a large chemical network, as is the practice in interstellar
chemistry. Instead, we have developed a compact chemical
model that incorporates the species and reactions that are im-
portant for gaining a preliminary understanding of the ion-
ization and chemical structure of the atmosphere. We further
restrict the analysis to gas-phase reactions, both neutral and
ionic. Our chemical model is most appropriate where both the
gas and dust are warm, so that the species do not stick to or react
with the dust grains. In practice, this restricts us to N? < 1023

1024 cm�2. At greater depths, we also cannot ignore X-ray scat-
tering (IG99). The species in the model are:

H, H2, H
+, Hþ

2 , H
þ
3

He, He+

O, OH, O2, O2H, H2O, O
+, OH+, H2O

+, H3O
+, Oþ

2 , O2H
+

C, CO, C+, HCO+

A, A+, e, where A stands for a generic neutral atom (Na).

Accompanying these 25 species are six conservation equa-
tions (for each nuclide and for charge) and about 115 reactions.
Most of these reactions are ion-molecule reactions familiar

from the chemistry of cool clouds (e.g., UMIST). In the fol-
lowing paragraphs, we emphasize the two most critical parts of
the chemistry: the formation of H2 and the synthesis by neutral
reactions of simple molecules of thermodynamic or observa-
tional significance, especially CO. Ion-molecule reactions play
a role because the X-rays irradiate the disk surface layers, but
they serve mainly as mechanisms for molecular destruction.

In order to numerically solve the thermal-chemical problem
defined in this and the previous sections, we divide the disk at-
mosphere into 150 layers. The steady thermal balance and
chemical rate equations are solved iteratively by adopting a
starting value for the temperature of a layer and solving the
chemical equations by Newton’s method. This solution is then
used in the thermal balance equations to get a new value for the
temperature. The process is repeated until the maximum relative
difference between iterations is less than 10�8. The values found
for one layer are used as starting values for the next. Convergence
of the temperature is reached after six iterations, whereas the
solution of the chemical rate equations requires 15 iterations.

The wide variation in physical properties of the atmosphere
demands special care in solving the chemical rate equations.
Many of the chemical abundances vary rapidly and by many
orders of magnitude, and it is necessary to work with more sig-
nificant figures than the 16 normally given in double precision.
We use a FORTRAN code that can solve the thermal-chemical
equations with 30 significant figures. Typically it takes about 1 hr
to solve an atmosphere using a Linux work station.

The chemical processes in the surface layers of the inner
protoplanetary disk are affected by the large range in density
and temperature encountered in disk atmospheres. In x 4 wewill
find that near 1 AU the gas density spans a range from nH ¼ 106

to 1012 cm�3 while the temperature varies from Tg ’ 5000 K
at high altitudes to a minimum temperature Tg � Td �150 K
between 2 and 3 scale heights. These ranges shift to somewhat
higher or lower values within or beyond 1 AU. The large var-
iation in temperature has several important effects on the chem-
istry. For example, the molecule that usually forms first on
entering a region of increasing density is H2. The standard way
of forming H2 in the ISM via grain synthesis (e.g., Hollenbach
& Salpeter 1971) requires relatively cool conditions; other-
wise, the H atoms do not stick on the dust surfaces long enough
to form molecules.4 In the absence of efficient grain synthesis,
we invoke gas-phase processes, H� formation,

eþ H ! H� þ h�; H� þ H ! H2 þ e; ð15Þ

and three-body reactions,

3H ! H2 þ H; 2Hþ H2 ! 2H2; ð16Þ

the latter accompanied by collisional dissociation,

Hþ H2 ! 3H; H2 þ H2 ! H2 þ 2H: ð17Þ

Although both formation pathways depend on Tg , the most
temperature-sensitive reactions are for collisional dissociation
H2, which are suppressed at low Tg . Complete conversion of
atomic to molecular hydrogen at $ ¼ 1 AU does not occur
until Nperp ’ 6 ;1021 cm�2, as a result of three-body formation.
The H� pathway is significantly diminished by photodissoci-
ation of H� at high altitudes, but enough H2 is synthesized to
produce substantial OH and CO there.

4 Cazaux and Tielens have recently argued that the grain synthesis may
occur at dust temperatures as high as 200 K.
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The formation of heavy molecules occurs through neutral
radical and ion-molecule reactions, with the former being more
important in warm layers at high altitudes and the latter in cool
regions below. This kind of mixed chemistry is also charac-
teristic of shocks and outflows from both YSOs and evolved
stars. The neutral path to heavy molecule formation pro-
vides another illustration of the sensitivity of the chemistry to
the temperature variation in the upper disk atmosphere. The
slowest (‘‘rate limiting’’) reaction is

Oþ H2 ! Hþ OH: ð18Þ

Reasonably efficient for Tg � 250 K, this reaction leads to
formation times longer than characteristic accretion times at
lower temperatures. Once OH is formed, heavier molecules are
rapidly synthesized by the reactions in Table 1, which updates
those used by Glassgold et al. (1991) for YSO wind chemistry.

4. RESULTS

4.1. Thermal Results

Figure 1 plots the density in the D’Alessio et al. (1999)
model versus height z at $ ¼ 1 AU. We have added several

values of the perpendicular column density N? to give an idea
of the amount of material above a height z. In Figure 2, the
dashed curve is the D’Alessio model temperature, which we
identify as the dust temperature. In this and all of the following
figures, we use the vertical or perpendicular column density
instead of height z to convey the thermal (and chemical) struc-
ture of the atmosphere,

N?(r; z) �
Z 1

z

dz0 nH r; z0ð Þ: ð19Þ

Because the temperature in the D’Alessio model varies with
height (see the inversion or rise in temperature in Fig. 1 going
from the midplane to the top of the atmosphere), the density
profile in Figure 1 (for r ¼ 1 AU) is a steep power law in z
rather than a Gaussian. Figure 2 also plots our calculated gas
temperatures (for the same value of r) for a range of �h , the
surface heating parameter defined in equation (12). The gas tem-
perature has been calculated self-consistently with the chemical
model presented in x 3. The rates for the heating and cooling
processes are plotted in Figure 3 for the case �h ¼ 1, and the
abundances of the main species are shown in Figures 4 and 5, all
for r ¼ 1 AU.

TABLE 1

Neutral Reactions

Reactants Products Rate Coefficient At 500 K At 5000 K

O + H2 ....................... OH + H 8.5 ; 10�20T 1.67e�3163/T 4.9 ; 10�18 6.8 ; 10�14

H + OH...................... O + H2 8.1 ; 10�21T 2.80e�1950/T 5.9 ; 10�15 1.2 ; 10�10

OH + H2..................... H2O + H 1.7 ; 10�16T 1.6e�1660/T 3.5 ; 10�12 1.0 ; 10�10

H + H2O..................... OH + H2 7.5 ; 10�16T1.6e�9270/T 1.4 ; 10�19 9.7 ; 10�11

O + OH...................... O2 + H 2.0 ; 10�11e112/T 2.5 ; 10�11 2.0 ; 10�11

H + O2 ....................... OH + O 3.3 ; 10�10e�8456/T 1.5 ; 10�11 6.1 ; 10�11

C + OH ...................... CO + H 1.6 ; 10�11 1.6 ; 10�11 1.6 ; 10�11

H + CO ...................... OH + C 1.6 ; 10�11e�77,500/T Negligible 3.0 ; 10�18

C + O2........................ CO + O 3.3 ; 10�11 3.3 ; 10�11 3.3 ; 10�11

O + CO ...................... O2 + C 3.3 ; 10�11e�69,500/T Negligible 3.0 ; 10�17

OH + OH................... O2 + H2 2.5 ; 10�15T1.14e�50/T 2.7 ; 10�12 4.1 ; 10�11

O2 + H2...................... OH + OH 3.16 ; 10�21,900/T Negligible 4.0 ; 10�14

Note.—Rate coefficient units are cm3 s�1.

Fig. 1.—Volumetric gas density nH plotted vs. height in AU at a radial dis-
tance of 1 AU, based on the disk model of D’Alessio et al. (1999). Several val-
ues of the vertical column density, measured from the top of the atmosphere in
units of cm�2, have been added to the curve. The analysis of this paper deals with
the upper atmosphere where the density varies approximately as a power law.

Fig. 2.—Gas and dust temperatures vs. perpendicular column density. The
gas temperature has been calculated for a range of �h (defined in eq. [12])
from 0.01 to 2. The radial distance is 1 AU. The dust temperature comes from
D’Alessio et al. (1999).
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As shown in Figure 2, high up in the atmosphere, Tg 3Td .
Deeper down, at a depth (or vertical column) that increases
with �h , Tg drops rapidly and then gradually approaches Td.
Thus, the gas above the dust inversion layer consists of a hot
layer on top of a warm layer. This double-layer structure occurs
within the envelope of the density distribution of Figure 1,
i.e., where the power law holds. Its existence can be under-
stood by considering the variation of the heating and cooling
rates and chemical abundances as a function of vertical column
density (Figs. 3–5, all for the case �h ¼ 1). The large tem-
peratures at high altitudes are due to a combination of X-ray
heating (lower solid curve in Fig. 3, dominant at small �h) and
accretion heating (upper solid curve in Fig. 3, dominant at large
�h) balanced by Ly� and O i forbidden line cooling. The rapid
drop in Tg and its asymptotic approach to Td are driven by the

combined effects of the gas cooling by collisions with dust
and CO line cooling. However, the rate of decrease and the
thickness of the transition region between hot and warm layers
are also strongly affected by the level of accretion-related
heating, as is most evident from the shift of the curves in
Figure 2 to large depths with increasing �h .

The several cases displayed in Figure 2 show how the tem-
perature profiles change as the role of accretion heating is in-
creased relative to X-ray heating. For �h ¼ 0:01, X-ray heating
is dominant until N? �1022 cm�2, at which point the gas
temperature approaches the dust temperature. The variation in
X-ray heating with height is shown in Figure 3. X-ray heating
first increases with N? as a result of the increase of hydrogen
density with depth, but then it levels off and decreases as the
X-rays are attenuated. At a larger value of �h ¼ 0:1, the tem-
perature profile and thermal balance are quite similar (Fig. 2),
although accretion heating begins to compete with X-ray heat-
ing in the transition region. In both cases the transition region
where Tg � 500 2000K has a thickness,�N? � 5 ; 1020 cm�2.
These small-�h cases closely approximate the situation without
any accretion heating and demonstrate that X-ray heating alone
generates a significant zone of intermediate-temperature gas
(Glassgold & Najita 2001).

Once �h > 0:1, we begin to approach the other extreme of
negligible X-ray heating. For these cases, the intermediate-
temperature transition regions in Figure 1 have a thickness
�N? > 1021 cm�2. The temperature profiles also have an in-
teresting ‘‘shoulder’’ between the sudden drop from large Tg
at high altitudes to Td ¼ 600 700 K at (1 2) ;1021 cm�2,
followed by a slower decline down to Td deep in the atmo-
sphere. This behavior can be understood by referring to the
thermal rates in Figure 3 and the chemical abundances in
Figure 4. In Figure 3 for �h ¼ 1, we see that the initial tempera-
ture drop at �1021 cm�2 occurs when the net dust-gas cooling
overtakes both Ly� cooling and the dominant accretion
heating. This behavior stems from the quadratic dependence of
dust-gas cooling on the density compared to the linear de-
pendence of the heating mechanisms. The decline in temper-
ature also reflects an important chemical change, the formation
of CO (see Fig. 4). CO rovibrational (and farther down CO
rotational) cooling plays an important role in the transition
region. Without it , dust-gas cooling, balanced by accretion

Fig. 3.—Heating and cooling rates vs. perpendicular column density at a
radial distance of 1 AU for the case �h ¼ 1. Heating rates are plotted by solid
lines and cooling rates by dashed lines. The curve labeled ‘‘d-g cool’’ is the
net dust-gas cooling, eq. (6).

Fig. 4.—Abundances of H2 and CO plus closely related species plotted vs.
perpendicular column density at a radial distance of 1 AU for the case �h ¼ 1.

Fig. 5.—Abundances of the main oxygen species plotted vs. perpendicular
column density at a radial distance of 1 AU for the case �h ¼ 1.
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heating, would produce a gradual transition. The presence of
CO cooling produces the very sharp drops at (1 2) ;1021 cm�2

for�h � 0:5; it also produces the shoulders in Figure 2 before Tg
assumes its more gradual approach to Td dictated by the dust-
gas interaction. This result follows from our self-consistent
calculation of thermal and chemical effects, whereby the for-
mation of CO is accelerated by the drop in temperature, which
in turn generates more cooling.

Some insight into the temperature profiles for finite �h can
also be gained from the following analytic solution for the case
in which the only heating is from accretion and the only
cooling is from collisions with dust:

Tg ¼ Td
1þ

ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
1þ J 2Td

p
ffiffiffiffiffiffiffiffiffiffi
J 2Td

p
 !2

; ð20Þ

where

J ¼ nH

2:08 ; 1015 cm�3

b

�h

ð21Þ

and

b ¼ m

mH

�d
�g

� 	
0:01

0:05 �m

ag

� 	
AH

0:5

� 	
: ð22Þ

Equation (20) contains only one parameter, J 2Td , and leads to
a relatively gradual decline of Tg with depth, nothing like the
sharp drop seen for�h � 0:5. The details of the calculated profiles
shown in Figure 2 require additional coolants, especially CO
rovibrational cooling. Equations (21) and (22) suggest that, to
the extent that this simplified analytic model expresses the real
situation, the choice of the accretion heating parameter �h is af-
fected by the dust model used for the dust-gas cooling through
the factor b/�h in equation (21). Thus, if the dust surface area is
smaller than we have assumed, smaller values of �h would be
needed to give curves similar to those in Figure 2.

We carried out calculations at both smaller ($ ¼ 0:5 AU)
and larger ($ ¼ 2:0 AU) radii and find qualitatively similar
results. The temperature profiles have the same qualitative
shape as those shown in Figure 2 for$ ¼ 1 AU, indicating that
the structure shown in Figure 2 is characteristic of a broader
range of radii.

4.2. Chemical Results

Our thermal-chemical model produces a layered structure
with a hot atomic region at the surface. At lower cooler depths,
chemical transitions occur that convert the atomic into mo-
lecular gas. Figure 4 shows how the abundances of some im-
portant species vary with vertical column density for the case
�h ¼ 1:0. The first step is the synthesis of enough H2 to form
OH and CO. We have already noted how the rise in the CO
abundance affects the transition between the hot and warm re-
gions through the onset of rovibrational and rotational cooling.
The CO abundance rises rapidly in the transition zone where Tg
drops below 5000 K as a result of the shutdown of the inverse-
synthesis reaction, Hþ CO ! Cþ OH. Its formation at warm
temperatures via neutral reactions requires that H2 is also syn-
thesized under these conditions since the precursor OH radical
derives from H2 (eq. [18]). H2 is made first by the H� reaction
(eq. [15]) and then by three-body reactions (eq. [16]). Although
hydrogen is at first mainly atomic, abundance levels x(H2) �
10�3 are more than sufficient to form OH and then CO.

Essentially all of the available carbon is in CO when N? ’
1:25 ; 1021 cm�2 and Tg ¼ 650 K.

The incorporation of all the available carbon into CO is the
first complete chemical transition, and it occurs in a warm
region that is mainly atomic. Most interesting from the ob-
servational perspective is the prediction of a significant column
(N? ’ 5 ;1021 cm�2) of warm CO (Tg > 400 K) in a region
where atomic hydrogen dominates over molecular. Somewhat
deeper down, essentially all of the available hydrogen is in-
corporated into H2 in a moderately warm layer. Full association
into H2 does not occur until N? ¼ 6 ;1021 cm�2, where the
density is high enough (nH ¼ 5 ;1010 cm�3) for three-body
reactions to be efficient and the temperature low enough
(Tg ¼ 250 K) for collisional dissociation to be unimportant.
This second chemical transition is accompanied by the pro-
duction of more OH and the synthesis of O2 and H2O, again
with neutral reactions. The complete conversion of the resid-
ual oxygen in the form of O and O2 into H2O does not occur in
the case shown in Figure 5 until N? � 4 ; 1023 cm�2 and Tg �
125 K. At these depths, however, our chemistry begins to break
down because of the neglect of grain processes, as discussed
earlier, and because some of the chemical timescales are ap-
proaching dynamical ones.
Figure 4 also shows how the electron fraction varies with

N?. The principal ions are H
+ for N? < 3 ;1021 cm�2 and Na+

for N? > 3 ; 1021. The abundances of C+ and H+ are about the
same in the interval N? ¼ 1021 1022 cm�2. The most abun-
dant molecular ions are HCO+, H3O

+, and Hþ
3 . They peak in

this same interval, where the hydrogen volume density is
�1010 cm�3, with maximum abundances, respectively, of
�10�9, 8 ;10�10, and 4 ; 10�11. Larger abundances would
have been obtained if we had used a smaller Na abundance
than our adopted value of xNa ¼ 10�6. Proton transfer and
charge exchange with Na (and other neutral) atoms transfer
ionization from hydrogenated ions and molecular ions to Na+,
which recombines slowly by radiative recombination.
Although Figures 4 and 5 present calculations only for

�h ¼ 1, the results are similar as long as �h is not much larger
than unity. For example, the location of the H ! H2 transition
is N? ¼ 7:5 ; 1021 cm�2 for the entire range 0:01< �h < 2.
However, when �h31, the increased accretion heating be-
comes so strong that Tg in the upper atmosphere reaches values
higher than 5000 K, e.g., 7500 K for �h ¼ 10. This has the
effect of increasing the relative importance of all of the inverse
reactions in Table 1 and shifts the full association of atoms into
molecules to larger depths.

5. DISCUSSION

In the previous sections we described a model for the ther-
mal and chemical structure of gaseous disk atmospheres at AU
radial distances. We found that X-rays, coupled with accretion-
related heating processes, can produce warm surface layers in
the gaseous atmosphere (�500–5000 K at N? ¼ 1021 cm�2 for
�h � 0:1 1). Although grains are likely to sediment out of
the disk atmosphere on short timescales, we nevertheless find
that molecules such as CO and H2 are able to form in the
atmosphere even in the absence of a grain population suitable
for surface formation. The conversion of atomic to molecular
hydrogen is driven initially by H� at the disk surface and by
three-body processes at higher column densities. Molecules
such as CO form efficiently through neutral reactions even
when the H2 abundance is low. As a result, the transition from
atomic carbon to CO occurs higher up in the atmosphere
than the transition from atomic to molecular hydrogen. It is
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interesting to compare these specific features of our model with
results from spectroscopic studies of inner disks.

A recent study of 4.7 �m CO fundamental line emission in
classical T Tauri stars has found that fundamental emission is
very common: CO fundamental lines are detected in k80%
of the classical T Tauri stars studied (Najita et al. 2003). The
symmetric centrally peaked profiles of the CO fundamental
lines, along with the profile widths (�70 km s�1), suggest that
the emission arises from a wide range of disk radii, from the
inner disk edge at �0.04 AU out to 1–2 AU, i.e., in the ter-
restrial planet region of the disk. The relative strengths of the
emission lines indicate that the emission originates from gas
that is significantly warmer on average (�1000–1500 K) than
the expected dust temperature at AU distances.

Our model appears to provide an explanation for the exis-
tence of warm CO in these disks. The processes that heat the
gaseous disk atmosphere produce substantial column densities
(k1021 cm�2 at 1 AU) of warm (k1000 K) gas in the upper
atmosphere. The slowest reaction involved in the formation
of CO (eq. [18]) is reasonably efficient, and atomic carbon
is converted to CO at a column density of �1021 cm�2, i.e.,
at a column density where the gas temperature is �1000 K.
In comparison, the dust temperature at a column density of
�1021 cm�2 at 1 AU is much lower, �200 K (Fig. 1).

Another aspect of the CO fundamental observations that is
perhaps surprising is that the vibrational levels of CO are so
well excited at temperatures P1500 K. At these low temper-
atures, chemical equilibrium would predict that most of the
hydrogen would be in molecular form at the high characteristic
density of the disk (e.g., Najita et al. 1996). This situation is not
advantageous for exciting the CO vibrational transitions since
the cross section for exciting CO via collisions with H2 is much
smaller than the cross section for exciting CO with atomic
hydrogen. In contrast, in our models we find that the layered
vertical structure of the disk permits an interesting situation:
the C/CO transition is made at low H2 abundance so that CO
coexists with atomic hydrogen over a large column density.
The intermixing of CO with atomic hydrogen in the warm
upper atmosphere is advantageous for the excitation of CO and
may partly explain the frequent detection of CO fundamental
emission.

The observed strength of the CO fundamental emission from
classical T Tauri stars is also found to be correlated with the
accretion rate onto the star, suggesting that accretion plays an
important role in heating the emitting gas (Najita et al. 2003).
This is consistent with the theoretical results obtained here. We
find that accretion-related processes such as viscous dissipation
and wind interactions can significantly enhance the heating
of the disk atmosphere above a minimum level established by
X-ray irradiation, producing large column densities of warm
molecular gas (k1021 cm�2) that are comparable to the ob-
served CO column densities.

Additional observational support for the role of accretion-
related processes in heating the disk atmosphere comes from
the intrinsic line profiles of the CO overtone lines, which probe
the region �0.04–0.3 AU in T Tauri disks. Spectral synthesis
modeling of the CO overtone lines shows that the lines expe-
rience suprathermal intrinsic line broadening (Carr et al. 2004;
Najita et al. 1996). The overtone lines are particularly sensitive
to the width of the intrinsic line profile because the close
overlap of lines near the band head makes it possible to dis-
tinguish between intrinsic line broadening and broadening due
to macroscopic motion such as rotation. Possible explanations
for the enhanced line width include turbulence associated with

in situ angular momentum transport (e.g., via the magneto-
rotational instability [Balbus & Hawley 1991] or the global
baroclinic instability [Klahr & Bodenheimer 2003]) or turbu-
lence induced at the disk surface by a wind blowing over the
disk. The turbulence in these scenarios is driven by accretion.

Finally, the observation that CO fundamental emission is
commonly detected from both single and binary classical T
Tauri stars (Najita et al. 2003) may provide a clue to the
dominant heating processes in disk atmospheres. Whereas line
emission from disks around single stars is believed to arise
from a temperature inversion region in the disk atmosphere,
stellar companions if present may carve out ‘‘gaps’’ in the disk
in the vicinity of the binary orbit, creating low column density
regions that may also contribute to line emission. The CO
fundamental observations suggest that both disk atmospheres
and gaps produce strong emission, with a remarkable similarity
between the CO line profiles measured for binaries and single
stars (with the notable exception of GW Ori), which indicates
that the emissions from atmospheres and gaps are similar.

What does this suggest about the dominant heating pro-
cesses in disk atmospheres? We have identified X-ray irradia-
tion, viscous accretion, and wind-disk interaction as potential
heating processes. All of these processes may play a role in
heating the atmospheres of disks around single stars. However,
it seems unlikely that the same form of viscous accretion is
responsible for heating any residual, low column density gas
within disk gaps. While gas may cross gaps in accretion streams
(Artymowicz & Lubow 1996), the process by which the ac-
cretion energy is dissipated is probably quite different from
disk accretion around single stars. Therefore, the close simi-
larity between the line profiles of single and binary stars may
be suggesting that viscous accretion is not the dominant heat-
ing process in disk atmospheres. In comparison, both X-ray
irradiation and wind-disk interaction would heat disk atmo-
spheres and residual gas in gaps in similar ways; perhaps they
are the dominant heating processes in gaps.

Additional evidence for warm gaseous atmospheres in inner
disks comes from the observation of UV fluorescence from H2

in the 1250–1650 8 band from the �10 Myr old T Tauri star
TW Hya (Herczeg et al. 2002). An analysis of the spectrum
shows that photons in the wings of the stellar Ly� line excite
warm (k2000 K) H2 gas, producing the observed downward
cascade. The characteristic H2 column density of the emission
is modest, �1018 cm�2. Since the H2 emission is spatially
unresolved, it must originate from within 1.4 AU of the star,
approximately the same region probed by the CO fundamental
lines.

While similarly warm (�1000 K) molecular gas is expected
in our model, the UV excitation of H2 may, at first, appear to
be surprising given the column depth at which we expect H2

to form. In our model, an H2 column density of 1018 cm�2 is
reached at a total hydrogen column density of �1021 cm�2

(where the fractional abundance of H2 is 10�3). In order to
excite the H2 emission, the Ly� photons must penetrate this
relatively large column. Since Ly� radiation is typically scat-
tered and absorbed by dust over much smaller characteristic
column densities, the detection of Ly� -excited H2 emission
suggests that the dust absorption column density to the H2

formation depth is low. This would be consistent with the
expectation of significant grain growth and settling in a disk
that is 10 Myr old. Perhaps not surprisingly, the spectral energy
distribution for this source indicates just such a deficit of grain
opacity in the region inside 4 AU (Calvet et al. 2002). Our pro-
posed explanation of the Ly� pumped H2 emission may not
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apply to similar observations of classical T Tauri stars (Valenti
et al. 2000; Ardila et al. 2002). Various properties of the ob-
served emission from these sources suggest that the emission
in these objects arises in winds rather than disks.

Our finding that a large total column of gas is required to
convert atomic to molecular hydrogen illustrates how models
of gaseous disk atmospheres are necessary to extract total gas
masses from spectral line observations. Again TW Hya pro-
vides a good example. Here the small H2 abundance in the
warm transition region of our model implies that a significant
amount of gas remains in the terrestrial planet forming region
of this system, despite the low IR excess. The presence of
a significant gas reservoir is consistent with the detection of
ongoing accretion onto the star, e.g., as indicated by broad
hydrogen line profiles and UV excess emission (Muzerolle
et al. 2000). A gas-rich, inner disk with a low continuum opac-
ity is also the situation expected in the initial planet-building
stage of the core accretion model. Of course, it would be im-
portant to determine from detailed modeling just how much
gas is left in this region. For example, if the TW Hya disk is
actively building terrestrial planets, the residual gas content
may affect the ultimate mass and eccentricity of the planets and
their consequent habitability (e.g., Kominami & Ida 2002). To
address this issue, models of the kind presented here can be
used to convert measured line diagnostics into total gas column
densities.

In making such a conversion (e.g., in the absence of the kind
of models presented here), one might be tempted to assume
that the formation depth of H2 is determined by the column
density required to shield H2 from the dissociating far UV
radiation field. For diffuse interstellar clouds with densities of
�100 cm�3, the shielding column is �1020 cm�2 (Spitzer &
Jenkins 1975). However, this column is a sensitive, decreasing
function of density because the photodissociation of H2 pro-
ceeds via line absorption, and it is a nonlinear function of
density and to a lesser extent of temperature (Federman et al.
1979). At the much higher densities of the disk atmospheres
considered here, the corresponding UV shielding columnmight
be expected to be small. In contrast, in our calculations, we find
that hydrogen is not fully associated into H2 until large column
densities are reached. Even at NH ’ 1 ; 1021 cm�2, the frac-
tional abundance of H2 is only 10�3, primarily because of the
effects of X-ray irradiation by the central star rather than by
dissociation via UV line absorption.

Although the models we have described here apply specif-
ically to large column density, optically thick disks, similar
models are likely to apply to disks with low continuum opac-
ities (e.g., those in which grain growth is advanced), as well as
to low column density regions in disks (e.g., to disk gaps or
regions in which disk dissipation is advanced). Again, the re-
gion of the TW Hya disk responsible for the H2 UV fluores-
cence provides a good example. TW Hya has a modest
accretion rate (4 ; 10�10 M� yr�1; Muzerolle et al. 2000), so
accretion-related heating of the disk may be relatively weak
(see, however, Alencar & Batalha 2002, who determine a
larger accretion rate of 10�9 to 10�8 M� yr�1 for this source).
The temperature of the H2-emitting gas is 2000–3500 K
(Herczeg et al. 2002), at the upper end of the temperature range
calculated from our model at 1 AU for an accretion rate of
10�8 M� yr�1.

The higher H2 emission temperature may result from the low
grain abundance in the inner disk of TW Hya (Calvet et al.
2002), which would have the effect of reducing the dust-gas
cooling, or it might stem from the lower disk density that

would exist under hydrostatic equilibrium conditions, which
would not only reduce gas-grain cooling but enhance the
role of X-ray heating. Another possibility is that the emis-
sion arises predominantly from inside 1 AU, where the disk
is warmer than at 1 AU. Yet another possibility is that an em-
bedded protoplanetary companion, whose presence in the ap-
parent gap is speculated upon by Calvet et al. (2002), causes
significant additional heating of its surroundings. Thus, the
TW Hya system poses interesting future challenges for our
model and suggests the need for a more self-consistent density
structure and potentially new heating and ionization sources.
Further work is also needed to understand the origin of water

emission from inner T Tauri disks, e.g., the water emission
lines in the K band that probe the region of the disk within
�0.5 AU (e.g., Najita et al. 2000). A joint analysis of the CO
and water emission spectrum of SVS 13 in this spectral region
(Carr et al. 2004) indicates that the water-to-CO abundance
ratio is much lower than would be expected in chemical equi-
librium. Such large deviations may originate in the layered
picture of the disk atmosphere described here, where molecu-
lar abundances are definitely nonequilibrium and vary strongly
with depth. In the results presented here for the chemical struc-
ture of the disk at larger (�AU) distances, residual atomic
oxygen forms molecules such as O2 and H2O beyond a column
density of �1022 cm�2, a much larger column density than the
�1021 cm�2 column density at which CO forms. Since water
forms much farther down in the atmosphere than does CO, a
much smaller column density of water is likely to be present
in the temperature inversion region of the disk. A similarly
layered structure is likely to be present at smaller disk radii.
Thus, it will be interesting to expand the present chemical
model in order to study the chemistry at smaller disk radii and
to make more detailed comparisons with relative molecular
abundance measurements of disk atmospheres.

6. CONCLUSIONS

We have carried out a detailed, but still approximate, study
of the thermal structure of gaseous disk atmospheres, including
the effects of accretion-related heating processes and grain
growth. We find that the regions where the gas and dust tem-
peratures differ include the part of the disk atmosphere that is
accessible to observational study. Thermal models that treat the
gas and dust as completely thermally coupled are therefore
incomplete with regard to the study of gas-phase diagnostics of
disk atmospheres. Our work represents a first step in the de-
velopment of models of the inner disk that treat the dust and
gas as separate coupled systems.
Our current model suffers from several limitations. We may

have overestimated the disk dust temperature since the dust
temperature structure assumed here, the T Tauri disk model of
D’Alessio et al. (1999), is based on (small) ISM-like grains
rather than on the larger grains that are likely to exist in T Tauri
disks. The magnitude of the overestimate is probably small,
however, since models that incorporate larger grains predict
temperature structures similar to the one assumed here (e.g.,
D’Alessio et al. 2001). Larger grains may be expected to lead
to a reduction in dust-gas cooling, but this may be countered by
the lower temperature of the grains and the possibility that the
transition from high to low temperatures occurs at higher
densities in disks with less flaring. It would be of considerable
interest to extend the present calculations to grain size dis-
tributions with larger maximum sizes. Nonetheless, we expect
that the model results obtained here should be representative
of the general character of the gaseous atmosphere, e.g., the
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conclusion that the gas will be hotter than the dust in the inner
disk is likely to be robust.

Another limitation of our present procedure is that hydro-
static equilibrium is not enforced. Since we start with the
density and dust temperature distribution of the atmosphere
calculated by D’Alessio et al. (1999), the gaseous atmosphere
would be in hydrostatic equilibrium only if the gas and dust
temperatures are equal. Instead, we find that the gas is warmer
than the dust in the region of the inversion, so the atmosphere is
denser in our models than it would be in equilibrium. More
complete models should, therefore, treat the atmosphere as
composed of two separate but interacting fluids, the gas and
the dust, with the gas in hydrostatic equilibrium and the dust
suspended to the extent allowed by grain growth and settling.
Since such atmospheres would be more rarefied than assumed
in the present calculation, the thermal decoupling of the gas
and dust would likely be enhanced and gas cooling would be
reduced, resulting in warmer gaseous disk atmospheres. On the
other hand, models that take better account of grain settling and
growth may also cause the dust irradiation surface (and the dust
temperature inversion) to occur deeper in the atmosphere if the
upper layers are depleted in dust (P. D’Alesssio 2004, private
communication). This would then affect the gas temperature
and be important for understanding gaseous tracers that form
at large vertical column densities, such as water.

A possibly important inconsistency in our models is that
we have assumed that the disk atmosphere is quiescent and
vertically stratified in calculating its thermal and chemical
properties, but we have also invoked accretion-related heating
processes that are likely to be accompanied by significant tur-
bulence and the potential for mixing of the layers. Models
of gaseous atmospheres that resolve this inconsistency may
be needed to make detailed comparisons with observations of
disks undergoing accretion. These models are expected to be a
significant theoretical challenge (see, e.g., Ilgner et al. 2004).

In analyzing the difference between the gas and the dust
temperatures, we considered several unconventional heating
mechanisms. First, we verified that X-rays do produce a large
temperature inversion in the gaseous disk atmosphere, much
larger than the temperature inversion experienced by the dust
over the same column density. The vertical extent of the tem-
perature inversion is larger if the two additional heating mech-
anisms we considered are operative. Both of these heating
mechanisms are related to turbulent dissipation, one directly
related to the viscous accretion process associated with angular
momentum transport in the disk and the other with the inter-
action of the stellar outflow and the disk. When parameterized
in terms of the standard rate of viscous dissipation (eq. [12])
using a phenomenological parameter �h , we found that �hmust
be large (�1) in order to explain the observation of abundant
warm CO in the terrestrial planet region of classical T Tauri
disks. Given that the current models are likely to underestimate
the temperature of the gaseous atmosphere (see previous para-
graph), improved models are likely to produce similar thermal-
chemical structures with lower values of �h .

What is the meaning of the value of �h inferred in this way?
As described in x 2, it may refer to heating produced by ac-
cretion in the disk atmosphere itself or by the shear flow of a
wind blowing over the disk surface. It may also derive from
heating produced by accretion flows below the disk atmo-
sphere, which generate waves that propagate to the disk surface
and dissipate there (Miller & Stone 2000). Yet another possi-
bility is heating that derives from the presence of embedded
companions, which can also generate waves that propagate

into and dissipate in the disk atmosphere (D’Angelo et al.
2003; Lubow & Ogilvie 1998; Ogilvie & Lubow 1999). An
important challenge to theory is to obtain detailed prescriptions
for the heating produced by all of these mechanisms that could
be used to create more accurate models of disk atmospheres.

It will be interesting, in future calculations that remove some
of the above limitations, to explore the structure of disk atmo-
spheres over a range of disk radii, as well as to study the for-
mation of more complex molecules such as water. Water is
expected to be a powerful probe of dense, warm gaseous disks
at disk radii larger than those probed by the CO fundamental
lines. Also important is the related issue of identifying useful
spectral line diagnostics of regions of low continuum optical
depth, i.e., disk gaps, dissipating disks, or regions in which
grain growth is advanced, as discussed in x 5 in connection with
the TW Hya system. Models of this type have recently been
constructed, focusing primarily on the giant planet region of the
disk (Gorti & Hollenbach 2004).

Similar models that focus on smaller disk radii are also of
interest to help interpret existing observations. For example,
CO fundamental observations of disks with low infrared excess
have been used to study the gas dissipation timescale in the
terrestrial planet region of disks (e.g., Najita 2004). Such ob-
servations address the question of whether gas persists after
infrared excesses have disappeared and whether low infrared
excesses are the result of disk dissipation or grain growth.
Measurements of the gas dissipation timescale in the terrestrial
planet region have the potential to address some important
aspects of terrestrial planet formation. For example, residual
gas in the terrestrial planet region of the disk may play an
important role in determining the ultimate mass and eccen-
tricity of a terrestrial planet (e.g., Kominami & Ida 2002) and
its consequent habitability. Since systems with low infrared
excess are typically also systems in which the accretion rate is
low, these systems may be easier to model in that the current
uncertainty in how to include the effects of accretion (i.e., what
is the appropriate value of �h?) will be less critical. It will,
however, be important to include some of the model refine-
ments discussed above (e.g., hydrostatic equilibrium) in order
to convert reliably measured CO column densities (or upper
limits) into total gas column densities.

The observational diagnostics that we have discussed in
connection with our models appear to primarily probe large
disk column densities k1021 cm�2. However, our models also
predict a warm, �5000 K, atomic surface region (P1021 cm�2)
that is produced by X-ray heating. Identifying robust diag-
nostics of this region may prove useful for the study of dissi-
pating (low column density) disks. Indeed, Gorti & Hollenbach
(2004) predict that fine-structure lines are some of the strongest
diagnostic features of dissipating disks. It would be useful to
identify similar diagnostics that probe small disk radii in pro-
toplanetary disks. In summary, improved models of gaseous
disk atmospheres should be useful in understanding the struc-
ture and dynamics of the inner parts of disks that play a key
role in star and planet formation.
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APPENDIX A

DUST-GAS COOLING

In order to analyze the effects of grain size on dust-gas cooling, we average equation (2) over an MRN-type dust size distribution,

nd(a) ¼ Cpa
�p; a1 < a < a2; ðA1Þ

and zero outside the indicated range. The normalization factor is

Cp ¼
�d

(4�=3)�̃

4� p

a
4�p
2 � a

4�p
1

; ðA2Þ

where �d is the volumetric mass density of dust in the disk and �̃ is the internal density of a dust grain, assumed to be independent
of size. The zeroth moment of equation (A1) is the total volumetric number density of dust grains,

nd ¼
4� p

1� p

�d
(4�=3)�̃

a�3
2

a2=a1ð Þp�1�1

1� a1=a2ð Þ4�p
: ðA3Þ

In equation (2), the first term, proportional to Tg , involves the dust surface area per unit volume, which, on calculating the second
moment for the MRN choice, p ¼ 3:5, is

nd a2

 �

¼ �d
(4�=3)�̃ag

ag ¼ a1a2ð Þ1=2; ðA4Þ

where the angle brackets indicate a straight average with the MRN distribution, equation (A1). The mean surface area per unit
volume is inversely proportional to the geometric mean of the minimum and maximum grain radii. The second term of equation (2)
involves the mean temperature of a grain Td (a), which we calculate by balancing absorption and emission, ignoring the tem-
perature fluctuations important for small grains. We assume that the absorption occurs at high frequency, where the absorption
coefficient Q� ’ 1, and that the emission occurs at low frequencies, where Q� / � � with � ’ 1 2. This familiar approximation,
used, for example, by Chiang & Goldreich (1997), holds at high disk altitudes not too close to the central star. Close in, where the
grains can become quite warm, departures from these extreme assumptions can become important, especially in the context
of grain heating by the diffuse infrared radiation field, as well as direct stellar optical radiation (Wolf 2003). In any case, our
simplified treatment leads to a mean grain temperature,

Td(a) / a�b; b ¼ �

4þ �
; ðA5Þ

which has an inverse size dependence with a small power index b ¼ 1
5

1
3
(if the index � of the absorption coefficient lies between 1

and 2). Thus, the second term in equation (2) involves the (2� b)-moment of the grain size distribution and emphasizes slightly
smaller (and warmer) grains than the first term. The final result for the dust-gas heating rate with an MRN distribution with p ¼ 3:5
and unspecified minimum and maximum grain sizes is

�dg ¼
�d

(4�=3)�̃a3g
nHv̄ (H)2AHk Tg� T̄d

� �
�a2

g; ðA6Þ

where

T̄d ¼ B Td(a)h i; B ¼ 1þ 0:4b

1þ 2b

1� a1=a2ð Þ0:5þb

1� a1=a2ð Þ0:5
; ðA7Þ

and B is a number somewhat smaller than unity for grain distributions with a2=a131 and slightly greater than unity for a2
comparable with a1. In equation (A6), the quantity AH is the accomodation coefficient defined in equation (3), with a value �0.5.

APPENDIX B

WIND-DISK HEATING

We adopt the standard view that accretion through the disk of a YSO is accompanied by a bipolar wind that originates close to the
star, perhaps from the inner edge of the disk as in an X-wind. In addition to a jet close to the rotational axis of the disk, the wind has a
wide-angle component that interacts with a flaring disk. When it blows over the disk, it produces a turbulent mixing layer (called an
‘‘aeolosphere’’ by Carr et al. 1993). Our objective is to make an order-of-magnitude estimate to ascertain whether it is competitive
with other mechanisms for heating the upper layer of a disk atmosphere.
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We assume that the wind is radial with constant terminal velocity vW and a possible angular dependence away from the jet region
represented by a factor F(�) in the wind hydrogen density,

�W ¼ �0F(�); �0 ¼
ṀW

4�r2vW
; ðB1Þ

where r, � are spherical coordinates and F is normalized so that
R �
�� d� sin �F(�) ¼ 2. The density of the equivalent spherical wind

�0 can be expressed numerically in terms of the number of hydrogen nuclei (�0 ¼ 1:425mHn0 using solar abundances),

n0 ¼ 9:4 ;106 cm�3
� � Ṁ�8

v100

� 	
AU

r

� 	2

; ðB2Þ

where Ṁ�8 is ṀW in units of 10�8 M� yr�1 and v100 is vW in units of 100 km s�1.
Following Elmegreen (1978), we locate the upper and lower boundaries of the turbulent mixing layer by matching the normal and

maximum wind pressure with the disk pressure. Thus, the upper boundary z2($) is defined by the ‘‘normal pressure balance,’’

pW þ �W v
2
W sin2� ¼ pD; ðB3Þ

and the lower boundary z1($) is defined by the ‘‘maximum pressure balance,’’

pW þ �W v
2
W ¼ pD: ðB4Þ

The angle � is the ‘‘attack’’ angle of the radial wind on the upper surface z2($), and pD is the disk atmosphere pressure field. The
location of the lower surface is less secure than the upper since it depends on a real understanding of the development of the
turbulent mixing layer, which we lack, but Elmegreen’s choice should suffice for rough estimates. When we rewrite the left side of
equation (B3) as �W (c2 þ v2W sin2� ), we see that the ram pressure dominates for a sufficiently cool wind. This is likely to be the
case for a wide-angle wind owing to adiabatic expansion cooling before it gets to skim the disk.

Given the run in disk pressure pD($, z), e.g., the table of numerical values provided by P. D’Alessio (2000, private communi-
cation), and the wind density (eq. [B1]), equation (B4) can be solved by interpolation on the pressure table. On the other hand,
equation (B3) is essentially a differential equation for the surface z2($) (Elmegreen 1978). We can obtain this equation with the help
of the angle � tangent to the surface at ($, z2) and the angle � ¼ arctan (z=$). Since � ¼ � þ �, z2($) satisfies the equation

dz2

d$
¼ z2

$
þ arcsin

pD

ṀW v2W

� 	1=2

; ðB5Þ

in the small � and � limit. Using equation (B4), this reduces to

dz2

d$
¼ z2

$
þ pD z2($)½ �

pD z1($)½ �

� 1=2

: ðB6Þ

The pressure ratio in the second term can be approximated for the D’Alessio et al. model by (z1/z2)
m, with m ’ 11 near $ ¼ 1 AU.

An approximate analytic solution can then be found to this nonlinear equation that has � ! 0 as $ ! 0. For a spherical wind with
ṀW ¼ 10�8 M� yr�1 and vW ¼ 200 km s�1, we find that around $ ¼ 1 AU,

z1 ’ 0:112 AUð Þ AU

$

� 	1:16

; z2 ’ 0:213 AUð Þ AU

$

� 	1:135

; ðB7Þ

and

� ’ 0:029
AU

$

� 	0:135

: ðB8Þ

In this case, the surface occurs at relatively high altitudes (�5H in terms of the midplane scale height H ), the attack angle is small
(�0.03 rad), and the thickness of the turbulent mixing layer is relatively large (�0.1 AU). For a more powerful wind, the surfaces
are pushed down toward the midplane, the attack angle will be larger, and z2� z1 will be smaller. Of course, all of these numbers
are problematic in the absence of a real theory for the layer.

The basis for our estimate of wind-disk heating is a calculation of the wind mechanical energy that enters the disk. First consider a
radial position $ where the wind-layer interface is at height z2($) above the midplane. At this point, the wind enters the layer at the
angle � , the angle between r̂ and the tangent to the surface t̂ at fixed azimuthal angle . If ds is a line element of the surface along t̂,
then the solid angle subtended by ds at the origin, after integrating  over 2�, is

d� ¼ 2�$ ds sin �

r2
: ðB9Þ
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If the tangent to the upper surface is �, then we can replace ds by d$ using

ds

d$
¼ sec �; ðB10Þ

so that

d� ¼ 2�
$

r 2
sin �

cos �
d$: ðB11Þ

In the inner disk we expect � and � to be small so that sin �= cos � � � . The mechanical luminosity incident on the layer within
d� is

dLmech ¼
1

2
�0v

3
WF(�)r

2 d� ¼ 1

4�
d�F(�)Lmech; ðB12Þ

where we have used equation (B1) and introduced the total mechanical luminosity

Lmech ¼ ṀW

v2W
2

: ðB13Þ

We can obtain an approximate formula for the volumetric heating rate in the turbulent mixing later by assuming that (1) a certain
fraction 
mech of the mechanical luminosity incident within a solid angle �� heats the layer and (2) this fraction is dissipated over a
volume (after integrating over the azimuthal angle) defined by �$ and �z. The interval �$ is defined via equation (B10) in terms of
the surface element ds, and the interval �z is taken to be z2($)� z1($):

�V ¼ 2�$�$ �z ¼ 2�$ tan � �$2: ðB14Þ

We find from equations (B3) and (B4) that �z is of the order of 2 scale heights. The heating rate is

�mech ¼ 
mech

�Lmech

�V
; ðB15Þ

which becomes, on substituting equations (B12), (B11), and (B1) and using dz=d$ ¼ tan �,

�mech ¼ 
mechF(�) sin � cos �½ � 1
2
�0

v3W
�z

: ðB16Þ

This formula has the expected form (and dimensions) for the dissipation rate of a wind, multiplied by factors that express the
wind’s angular dependence and angle of incidence and by an unknown efficiency factor.

For purposes of discussion, we introduce an overall efficiency factor,

�mech ¼ 
mechF(�) sin � cos �; ðB17Þ

which depends on where the wind enters the layer. Then the mechanical heating rate can be expressed as

�mech ¼ �mech

1

2
�0

v3W
�z

¼ �mech

ṀW v
2
W

4�r 2
: ðB18Þ

Of the three factors that enter equation (B17) for �mech , we know only that sin �T1 (�0.03 according to earlier estimates) and
that cos � �1. There is no direct observational evidence on the angular dependence of the wide-angle part of a YSO wind,
although it probably carries away about half of the ejected mass. MHD wind theories (e.g., Najita & Shu 1994; Shu et al. 1995)
suggest that the wind density does not vary much with angle at the small latitudes relevant for skimming the disk, so we guess that
F � 0:5. Once the wind energy enters the mixing layer, we expect that a substantial fraction is dissipated, so that 
mech might lie in
the range 0.01–0.1. Thus, we estimate that overall �mech �10�4 to 10�3, although obviously with much uncertainty.

For numerical purposes, equation (B18) can be written as

�mech ¼ 7:49 ; 10�10 ergs cm�3 s�1
� �

�mech

Ṁ�8v
2
100

r=AUð Þ2(�z=AU)
: ðB19Þ

Substituting �mech ¼ 10�3, r ¼ 0:1 AU, �z ¼ 0:1 AU, and v100 ¼ 2 yields �mech �10�11 ergs cm�3 s�1 at 1 AU, which is
competitive with the accretion heating of the last subsection. We can confirm this by rewriting the first form of equation (B18) with
equation (B3) for normal pressure balance,

�mech ¼

mech

sin � cos �

pDvW
�z

; ðB20Þ
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and then using pD ¼ �c2 and equation (12):

�mech ¼

mech

sin � cos �

H

�z
�cð Þ2�; ðB21Þ

where the subscript 2 signifies evaluation at the upper boundary of the layer. We can compare this with the result of the previous
subsection,

�acc ¼
9

4
�vis�c

2�;

to get

�mech

�acc

¼ 4

9


mech

�vis sin � cos �

vW
c
: ðB22Þ

If we use the standard value, �vis ¼ 0:01, our previous guess of 
mech ¼ 10�2, and the angle � ¼ 0:03, we find that this ratio is
�vW=c31. Reducing 
mech by 2 orders of magnitude would make wind-disk and accretion heating more nearly comparable. A
more interesting deduction from equation (B22) is that wind-disk heating and accretion heating have approximately the same
dependence on the radial coordinate $.

APPENDIX C

COOLING

Our purpose here is to justify the selection of line coolants and to describe how the cooling rates are calculated. The discussion
follows the coolants as a function of decreasing altitude and abundance, starting with hydrogen cooling at the top of the atmosphere.

Hydrogen can cool the upper atmosphere by thermal bremsstrahlung, recombination radiation in transitions to levels n � 2, and
Ly� radiation. We use familiar formulae from Spitzer (1978) for the first two processes, which generally constitute no more than 5%
of the total cooling rate. We calculate Ly� cooling in the escape probability formalism:

�Ly� ¼ �21A21E21x2nH; ðC1Þ

�21 ¼
1� exp ��21ð Þ

�21
; ðC2Þ

�21 ¼ x1NH f12
�e2

mc

k21
�v

; ðC3Þ

�v ¼ 2� �2
therm þ �2

turb

� �� �1=2
; ðC4Þ

where �therm and �turb are the variances of the thermal and turbulent velocity distributions, respectively. The integer subscripts refer
to the two lowest levels of atomic hydrogen, n ¼ 1, 2, and the symbols x1 and x2 denote the normalized (fractional) populations of
these levels. We further assume that the density of atoms in the n ¼ 2 level is given by the thermal equilibrium (Boltzmann)
formula. The column density in equation (C3) is the (upward) vertical column density N?. Figure 3 shows that escaping Ly�
radiation is the most important coolant at high temperatures. For the calculations in this paper, we used the value �turb ¼ 2 km s�1

suggested by observations of the overtone rovibrational transitions of CO (e.g., Najita et al. 1996).
We have also estimated the cooling by molecular hydrogen using the study by Le Bourlot et al. (1999). In both the hot low-x(H2)

and the cool fully associated regimes, cooling by H2 is at least 4 orders of magnitude smaller than the total and thus negligible. We
can extend these results and also rule out any meaningful contribution from other homonuclear molecules like O2 and N2.

Heavy atomic ions are potentially important for the temperature range of interest. We start with oxygen, the most abundant
element after H and He, and focus on O i, the dominant ion. The densities in the disk atmosphere are higher than the critical densities
of both the forbidden optical and the fine-structure far-infrared transitions of O i, so the level populations are close to thermal
equilibrium. The forbidden lines are more important in the hot upper layers because both the transition energies and A-values are
between 1 and 2 orders of magnitude larger than those of the fine-structure transitions. Their optical depths are also small, whereas
the fine-structure lines become thick once N? > 1021 1022 cm�2. In practice, we have approximated the forbidden-line cooling by an
equivalent two-level model, with a level separation of 22,500 K and A ¼ 8:45 ; 10�3 s�1, that allows for subthermal excitation but
assumes that the lines are optically thin. The fine-structure cooling due to the J ¼ 1 2 (63 �m) and J ¼ 0 1 (145 �m) transitions is
calculated assuming thermal equilibrium populations but allowing for trapping using appropriate escape probabilities in much the
same way as done for Ly�. Before all of the O is transformed into O2 and H2O, O i fine structure contributes no more than a few
percent of the total cooling in the cool, midaltitude region of the atmosphere where dust cooling dominates.

Based on their spectroscopic properties, the forbidden lines of C ii, C i, and N i are expected to make relatively minor contributions
to the cooling compared to O i. We also ignore the forbidden and fine-structure lines of heavier ions because of abundance
considerations, especially the depletion of refractory elements like Si, Mg, and Fe.
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Among the molecular coolants, CO has the greatest potential to affect the gas temperature at intermediate and high altitudes. The
pure rotational transitions are relevant for the cooler regions and the rotation-vibrational transitions in the hotter ones. The remainder
of this appendix describes how we treat cooling by the rotation-vibrational and pure rotational transitions of CO.

Atomic hydrogen dominates the excitation of the rotation-vibrational transitions of CO if xe < 0:01 and x(H2) < 0:01 (e.g.,
Appendix B of Najita et al. 1996; Ayres &Wiedemann 1989), conditions that are well met in the upper atmosphere. Since the density
there is smaller than the critical density (’1011 cm�3), the cooling is given by the low-density formula,

�CO rovib ¼
X
Jv;v 0J 0

n(H)nCO(vJ )k vJ ; v0J 0ð ÞE vJ ; v0J 0ð Þ; ðC5Þ

where initial states are labeled vJ and excited states v0J 0, and nCO(vJ ) is the density of CO in an initial state. Under the conditions in
the upper disk atmosphere, the rotational levels of the ground vibrational state are in thermal equilibrium, but the higher vibrational
levels (and their rotational distributions) are not. Thus, most of the hot CO in the atmosphere will be in the v ¼ 0 level. Using the
Boltzmann distribution for its population of rotational levels, equation (C5) can be approximated by

�CO rovib ’
X
v 0

k 0; v0ð ÞE 0; v0ð ÞnCO v0ð Þn(H); ðC6Þ

where k(0; v0) is the total Hþ CO collisional rate coefficient for exciting the vibrational level v and E(0; v0) is the corresponding
excitation energy. The optical depths of the emitted lines are small, and we can obtain a good estimate of the rotation-vibrational
cooling by retaining the first two terms of this equation and approximating the vibrational levels by an oscillator spectrum with
energy level separation kB� with � ¼ 3084 K:

�CO rovib ’ kB�k(1 0)
e��=T

1� e��=T
n(CO)n(H) 1þ 2

k(2 0)

k(1 0)
e��=T þ � � �

� �
: ðC7Þ

In converting excitation to de-excitation rates using detailed balance, we have assumed that high-J transitions are involved so that
the ratio of statistical weights is essentially unity. We have used the fit by Ayres & Wiedemann (1989) for the v ¼ 1 0 de-excitation
rate based on the measurements of Glass & Kironde (1983),

k(1 0) ¼ 7:88 ; 10�13T 0:5e�1208=T cm3 s�1: ðC8Þ

This is close to the one used by Najita et al. (1996) and roughly a factor of 2 smaller than the recent theoretical calculations of
Balakrishnan et al. (2002). The ratio k (2–0)/k (1–0) is between 0.2 and 0.4, depending on whether one uses experimental (Wight &
Leone 1983; McBane et al. 1991) or theoretical information (Balakrishnan et al. 2002). The contributions of higher vibrational
levels decrease rapidly beyond v ¼ 2 because of decreasing rate coefficients and increasing energy thresholds.

The pure rotational cooling of CO can be calculated assuming that the levels are thermalized. For Tg > 125 K, many rotational
levels are excited, and two values of J are relevant: Jm ¼ 8:5(T2)1=2 for the peak emission and Jc where thermalization breaks down.
Since JmTJc , the cooling can be calculated as

�CO rot ¼ n(CO)
X1
1

PJEJ ; J�1�J ; J�1AJ ; J�1; ðC9Þ

where PJ is the Boltzmann distribution for the rotational levels with energies EJ. The symbols EJ ; J�1 ¼ EJ � EJ�1, AJ ; J�1, and
�J ; J�1 stand for the energy change, A-value, and escape probability in the transition J ! J � 1, respectively. Optically thin CO
cooling has been discussed by McKee et al. (1982); in the rigid-rotor approximation equation (C9) is

�CO rot ¼ 6A1;0kBT
2
g n(CO) ¼ 1:86 ; 10�23T 2

g n(CO) ergs cm
�3 s�1: ðC10Þ

The utility of this formula is limited by the fact that the lines easily become thick, as can be deduced from the general formula

�(J �1; J ) ¼ 3N (CO)

8��v

1

2J �1
PJ�1 1� PJ

PJ�1

� 	
A1;0k

�3
1;0: ðC11Þ

At the peak of the emission at Jm ,

�(Jm�1; Jm) ’ 0:874
N (CO)15
�v5T100

; ðC12Þ

measuring CO column density in units of 1015 cm�2, velocity width in km s�1, and Tg in 100 K. When the lines are very optically
thick, i.e., when �(Jm�1; Jm)31 and �J ; J�1 ’ 1=�(J � 1; J ), equation (C9) can be evaluated exactly as

�CO rot ¼
n(CO)�v

N (CO)

�5

15
kBB

T

B

� 	5

k�3
1;0: ðC13Þ
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This result is essentially the same as the formula derived by Goldreich & Kwan (1974) for a collapsing spherical cloud, except for
geometrical factors. Finally, we adopt the following prescription for CO pure rotational cooling. When �(Jm�1; Jm) < 1, we use the
optically thin formula, equation (C10), and when �(Jm�1; Jm) > 1, we use the optically thick formula, equation (C13). In practice,
CO cooling only plays a significant role in the temperature transition zone, and there it is rovibrational cooling that counts. In this
region, CO rotational cooling is well represented by the optically thin limit; when it is thick, it is unimportant in this problem.

Having described how the coolants are calculated, it is appropriate to summarize their effects in qualitative terms. As discussed in
x 4, however, it is important to remember that the role of an individual coolant is determined by the heating and the chemistry
operative where it is located. Referring to Figures 2 and 3, we see that the thermal structure of the atmosphere can be approximately
described in terms of three thermal regimes that are located at different heights above the midplane, each controlled by just one or
two coolants in our model, e.g., for �h ¼ 0:1 1:0 at r ¼ 1 AU, these layers and their dominant coolants are as follows:

1. Hot layer.—T � 2000 5000 K, N? < 5 ; 1020 cm�2: Ly� and dust cooling.
2. Warm transition region.—300 K < T < 2000 K, N? ’ 3 ; 1020 to 5 ;1021 cm�2: dust cooling and CO rotation-vibrational

cooling.
3. Cool midplane region.—T < 300 K, N? > (1 5) ; 1021 cm�2: dust cooling.

Cooling of the gas by the dust plays a role in all three thermal regions, starting at the bottom of the hot region. It is also important
for answering the question posed in x 1 as to where the dust eventually enforces the gas to be thermally coupled to the dust. From
Figure 1 we see that this depends on the strength of the heating; it also depends on the exact coupling criterion. For example, if we
require Tg to be no more than 25% larger than Td , this criterion is not met for the case � ¼ 1 until N? > 1022 cm�2, where the
density nH > 1011 cm�3. This is a quite high density, but still several orders of magnitude smaller than the critical density defined in
equation (1) for the dust to be decoupled from the gas.
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527, 893

D’Alessio, P., Calvet, N., & Lizano, S. 1998, ApJ, 500, 411
Dalgarno, A., Yan, M., & Liu, W.-H. 1999, ApJS, 125, 237
D’Angelo, G., Henning, T., & Kley, W. 2003, ApJ, 599, 548
Dullemond, C. P., van Zadelhoff, G. J., & Natta, A. 2002, A&A, 389, 464
Elmegreen, B. 1978, Moon Planets, 19, 261
Federman, S. R., Glassgold, A. E., & Kwan, J. 1979, ApJ, 227, 466
Feigelson, E. D., & Montmerle, T. 1999, ARA&A, 37, 363
Feigelson, E. D., et al. 2002, ApJ, 574, 258
Fromang, S., Terquem, C., & Balbus, S. A. 2002, MNRAS, 329, 18
Gammie, C. F. 1996, ApJ, 457, 355
Garmire, G., et al. 2000, AJ, 120, 1426
Glass, G. P., & Kironde, S. 1983, J. Chem. Phys., 86, 908
Glassgold, A. E., Mamon, G. A., & Huggins, P. J. 1991, ApJ, 373, 254
Glassgold, A. E., & Najita, J. 2001, in ASP Conf. Ser. 244, Young Stars near
Earth: Progress and Prospects, ed. R. Jayawardhana & T. P. Greene (San
Francisco: ASP), 251

Glassgold, A. E., Najita, J., & Igea, J. 1997, ApJ, 480, 344 (erratum 485, 820)
(G97)

Goldreich, P., & Kwan, J. 1974, ApJ, 189, 441
Goldreich, P., & Ward, W. R. 1973, ApJ, 183, 1051
Gorti, U., & Hollenbach, D. J. 2004, ApJ, 613, 642
Hartmann, L., & Kenyon, S. J. 1987a, ApJ, 312, 243
———. 1987b, ApJ, 322, 393
Herczeg, G. J., Linsky, J. L., Valenti, J. A., Johns-Krull, C. M., & Wood, B. E.
2002, ApJ, 572, 310

Herczeg, G. J., Wood, B. E., Linsky, J. L., Valenti, J., & Johns-Krull, C. M.
2004, ApJ, 607, 369

Hollenbach, D. J., & McKee, C. F. 1979, ApJS, 41, 555
Hollenbach, D. J., & Salpeter, E. E. 1971, ApJ, 163, 155
Hollenbach, D. J., Yorke, H. W., & Johnstone, D. 2000, in Protostars and
Planets IV, ed. V. Mannings, A. P. Boss, & S. Russell (Tucson: Univ. Arizona
Press), 401

Igea, J., & Glassgold, A. E. 1999, ApJ, 518, 848 (IG99)
Ilgner, M., Henning, Th., Markwick, A. J., & Millar, T. J. 2004, A&A, 415,
643

Kamp, I., van Zadelhoff, G.-H., van Dishoeck, E., & Stark, R. 2003, A&A,
397, 1129

Kastner, J. H., & Weintraub, D. A. 2002, ApJ, 567, 434
Kim, S.-H., Martin, P. G., & Hendry, P. D. 1994, ApJ, 422, 164
Klahr, H. H., & Bodenheimer, P. 2003, ApJ, 582, 869
Kominami, J., & Ida, S. 2002, Icarus, 157, 43
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